The dynamics of colliding wind binary systems and conditions for efficient particle acceleration therein have attracted multiple numerical studies in the recent years. These numerical models seek an explanation of the thermal and non-thermal emission of these systems as seen by observations. In the non-thermal regime, radio and X-ray emission is observed for several of these colliding-wind binaries, while gamma-ray emission has so far only been found in η Carinae and possibly in WR 11. Energetic electrons are deemed responsible for a large fraction of the observed high-energy photons in these systems. Only in the gamma-ray regime there might be, depending on the properties of the stars, a significant contribution of emission from neutral pion decay. Thus, studying the emission from colliding-wind binaries requires detailed models of the acceleration and propagation of energetic electrons. This in turn requires a detailed understanding of the magnetic field, which will not only affect the energy losses of the electrons but in case of synchrotron emission also the directional dependence of the emissivity. In this study we investigate magnetohydrodynamic simulations of different colliding wind binary systems with magnetic fields that are strong enough to have a significant effect on the winds. Such strong fields require a detailed treatment of the near-star wind acceleration zone. We show the implementation of such simulations and discuss results that demonstrate the effect of the magnetic field on the structure of the wind collision region.
Introduction
Massive, luminous stars of spectral type O and B and also Wolf-Rayet (WR) stars are known to drive mass-loaded and fast stellar winds. In systems containing two such luminous stars the supersonic winds interact with each other, thereby forming a wind-collision region (WCR) enclosed by two strong shock waves (see, e.g. Usov 1992 ). These shocks have the potential to accelerate particles to sufficiently high energies that the WCR becomes visible in non-thermal radiation (see, e.g., Eichler and Usov 1993; Dougherty and Williams 2000; Dougherty et al. 2003; Niemela et al. 1998) . The relevant emission channels of non-thermal radiation are synchrotron emission in the radio regime (see, e.g., Dougherty et al. 2005; Williams et al. 1997; Pittard 2010) , inverse Compton emission in the X-ray regime (see, e.g. Pittard and Parkin 2010) and both inverse Compton and pion decay processes at higher energies (see, e.g. Benaglia and Romero 2003; Reimer et al. 2006; Reitberger et al. 2014a) . For an overview of observations of colliding-wind binaries (CWBs) at different energies see De Becker and Raucq (2013) .
Apparently, a large fraction of the non-thermal photons result from energy-loss processes of electrons accelerated at the shock fronts. The acceleration and energy losses of these electrons strongly depend on the strength and direction of the magnetic field in and near the WCR. The majority of the recent modeling efforts, however, was based on hydrodynamical modeling of the interacting stellar winds. In these cases, the magnetic field was prescribed analytically: Dougherty et al. (2003) ; Pittard and Dougherty (2006) assumed the magnetic energy density to be proportional to the thermal pressure, while Reitberger et al. (2014b,a) used an analytical description for the magnetic field from each individual star. Such prescriptions, however, are rather simplified. Apart from that, no direction of the magnetic field can be inferred from these approaches. Thus, neither an acceleration efficiency depending on the obliquity of the shocks nor a consistent treatment of the polarization of synchrotron emission can be taken into account.
Falceta- Gonçalves and Abraham (2012) introduced the first magnetohydrodynamical models of a CWB system. In these simulations, a dipole field with a polar field strength of B ∼ 10 −4 Tesla for each star was prescribed, and the magnetic field in the stellar wind plasma was evolved consistently in time. Such a comparatively weak field is transported passively with the flow of the stellar winds without having a relevant back reaction on the wind evolution. Observations, however, indicate that magnetic fields of early type stars might be significantly stronger than that (see, e.g., Aurière et al. 2007; Petit et al. 2013; de la Chevrotière et al. 2014; Fossati et al. 2015a,b; Wade et al. 2016) . However, there is also a wide range of stars for which only upper limits could be determined. With regard to stars in particle-accelerating CWB systems no such strong fields have been observed, yet. For several such systems Neiner et al. (2015) find upper limits for the polar magnetic-field strength on the order of 0.02 Tesla.
This discussion shows that it is certainly worthwhile to investigate CWB systems with polar magnetic fields stronger than ∼ 10 −4 Tesla. In this case the change of the stellar wind outflow due to the presence of the magnetic field has to be taken into account. This is particularly important for the acceleration region of the wind near the stellar surface. Correspondingly, we investigate magnetohydrodynamical models of such systems with surface magnetic fields on the order of 0.01 Tesla. For this we introduce a multi-step procedure that assures the consistent treatment of magnetic field and wind acceleration near the stellar surface. In the next section we present this method together with the description of the numerical model used in this study. In Sec. 3 we then discuss the results and implications of our study of a range of models of magnetized CWBs. Finally, we summarize our findings in Sec. 4.
Numerical Model
Simulations of CWBs with stars having line-driven winds are numerically a demanding task, particularly for magnetized winds, because of the very steep velocity gradient near the stellar surface. Thus, the region around each star has to be studied in much greater detail, i.e. with higher resolution, than the more distant parts of the wind outflow. This resolution requirement is at odds with the WCR being the focus of an analysis of the dynamics of a CWB. In hydrodynamics these problems can be circumvented by using an adapted beta-law prescription (see Lamers and Cassinelli 1999) in the vicinity of the star (see Reitberger et al. 2014b) . If magnetic fields are taken into account, however, they can have a significant influence on the wind-acceleration, predominantly near the stellar surface (see ud-Doula and Owocki 2002). These authors also show that only a sufficiently small magnetic field has a negligible effect on the wind acceleration and can, thus, be treated as a passive tracer. Such a setup has been investigated by Falceta-Gonçalves and Abraham (2012) for a CWB system with rather low (10 −4 T) surface magnetic fields. In contrast to that we aim at including significantly higher surface magnetic fields, where the effects of the wind acceleration can not be disregarded anymore. Before we introduce our setup for the near-star resolution problem, we start by discussing the relevant system of equations.
Mathematical Description
We study stellar winds in CWB systems influenced by given stellar magnetic fields. Inside the stars the magnetic fields are assumed to be of dipole character and are kept constant throughout the simulations. Outside the stars the stellar winds are allowed to evolve with the magnetic field, where we use ideal magnetohydrodynamics (MHD) to describe the plasma of the stellar winds:
Here, the dynamical variables are the density ρ, the fluid velocity u, the magnetic induction B and the total energy density e. Additionally, p is the thermal pressure, I is the unit tensor, m H is the mass of the hydrogen atom, and µ 0 is the permeability of free space. The source terms on the right-hand side include the vector of external force densities f and the radiative cooling term Λ(T ). The external forces are the gravitation by the individual stars and the radiation forces of the stars:
where the index i relates to the individual stars. The vector r i is the distance vector relative to star i and g l rad,i and g e rad,i denote the radiative line acceleration by interaction with ions in the wind and acceleration by stellar radiation scattering off free electrons, respectively. Assuming that the acceleration is directed radially from the stars then leads to:
with σ e the mass-specific electron opacity due to Thomson-scattering. Taking into account the finite size of the stellar disk the term related to line acceleration g l rad,i can be expressed as:
where t is given as t = (σ e ρv th ) / ∂u ∂r
with k and α the usual Castor-Abbot-Klein (CAK) parameters (see Castor et al. 1975) . The position dependent finite-disc correction factor I F D is determined from the radial velocity gradient and its projection onto the unit vector towards a point on the stellar surface n i :
This integral extents over the entire stellar disk as seen from position r and usually is solved numerically. At temperatures above 10 6 K line driving is set to zero since the plasma is highly ionised. For further details see, e.g., Reitberger et al. (2014b) ; Gayley et al. (1997) .
The temperature is initialised at a level of 10 4 K in the entire simulation domain. Cooling below this value is prevented numerically, emulating photo-ionization heating by the stellar radiation fields (see Pittard 2009 ). Additionally we use the radiative cooling function by Schure et al. (2009) , which mainly becomes important for the shocked material within the WCR.
For the solution of the dynamical equations we use the Cronos code for numerical MHD (see, e.g., Kissmann et al. 2009 . This code has been adapted for the use in CWB systems by including the CAK-force terms and the radiative cooling terms as detailed above (see also Reitberger et al. 2014b ).
The Near-star Resolution Problem
As noted above, it is necessary to simulate the environment near the stellar surface sufficiently accurate to capture the impact of the stellar magnetic field on the acceleration of the wind. In ud-Doula and Owocki (2002) corresponding simulations are limited to a range from the stellar surface to six stellar radii to yield a detailed simulation of the wind acceleration, which is rather small compared to the size of a CWB system that can span thousands of solar radii. Therefore, we decided to use two distinct simulation setups -one for the acceleration region of the stellar wind for the individual stars and one for the CWB simulation. In the latter the detailed simulations for the individual stellar winds were used as input, which was kept constant throughout the simulation -just like the constant beta law prescription in the hydrodynamic simulations. Both numerical setups will be described below.
Near-star Magnetized Wind Models
For the simulation of stellar winds near the surface of the individual stars the effect of the respective other star is ignored, later to be considered in the full CWB simulations. The purpose of the single-star simulations is to obtain the structure of the stellar winds near the stellar surface including the back reaction of the magnetic field on the winds. The simulation setups are similar to the ones detailed in ud-Doula and Owocki (2002) with regard to the computational grid, the boundary conditions, and our use of an isothermal stellar-wind outflow. The only relevant difference is our use of a somewhat more general finite disc correction factor detailed below.
Computation of the near-star wind models is also a two-step process. In a first step, the CAK parameters for these simulations are obtained by corresponding one-dimensional sphericallysymmetric hydrodynamical models. These models use the same radial grid and the same boundary conditions for the hydrodynamic variables as in the two-dimensional magnetized simulations, with the exception that the grid is further extended to some 1000 R to assure the correct estimate for the terminal velocity. During these hydrodynamical simulations k and α are adapted alternatingly until a wind solution is found that gives the desired values for the mass-loss rate and the terminal velocity. Here, k and α are adapted up to an accuracy of 10 −5 .
In the second step these values for the CAK parameters are used in two-dimensional simulations including the stellar magnetic field. In this initial study without stellar rotation we still assume strict axial symmetry. Since we use the CAK parameters from hydrodynamical simulations it is not unlikely -and for a sufficiently strong magnetic field indeed expected -that the structure of the stellar winds will become different than in the hydrodynamic case.
For these two-dimensional simulations, the numerical mesh spans from the stellar surface to a maximum distance of about 6R . We use a non-linear grid in the radial direction, which increases outwards by 2% per cell. The first cell starting at the stellar surface is set to have a size of 10 −3 R , where we use a total of 256 cells in the radial direction. In the θ direction we use 180 equidistant cells. This does not yield such a high resolution near the equator as used by ud- Doula and Owocki (2002) . However, we consider stellar magnetic fields with confinement parameters η < 1 that do not lead to such a strong compression of the flow structure near the equator as for η > 1 (in SI units the magnetic confinement parameter is given as:
where B p is the strength of the surface magnetic field at the pole). Apart from that, the focus of this study is not on the acceleration of the stellar wind near the stars but rather on the impact on the large-scale flow structure including the corresponding magnetic field at larger distances from the star.
For the boundary conditions we use an extrapolation at the outer radial boundaries of the numerical domain, where the flow is supersonic. On the z-axis of the spherical coordinate system we use adapted axis-boundary conditions (see Ziegler 2011) . At the stellar surface, the density is kept fixed, while the velocity is allowed to vary in the first ghost cell only. Here, linear extrapolation of the mass-flux into the ghost cell is used. For the magnetic field we prescribe fixed vector-potential components within the star that represent a dipole field aligned with the z-axis. Additionally, the temperature is set to 10 4 K throughout the entire numerical domain.
The two-dimensional magnetized simulations are initialized with a linearly increasing velocity where the density is given locally by the desired mass-loss rate. Additionally, a dipole field is initialized within the entire numerical domain. From these initial conditions the wind is allowed to evolve until it converges to a steady state. In contrast to the one-dimensional sphericallysymmetric simulations, the finite disk correction factor needs to be computed numerically in the twodimensional magnetized simulations. This is because of the possibly non-zero velocity component in the θ direction and because a possible variation of both velocity components in the θ direction needs to be taken into account. For this we use:
within Eq. (9) as taken from Eq. (41) in Cranmer and Owocki (1995) .
The simulation is stopped when the mass-loss rate is identical at all radii, indicating that a steady-state solution has been reached. The mass-loss rate is computed from the numerical mass flux through the outer radial boundary of each cell. The results of these two-dimensional simulations are stored as reference solutions for the CWB simulations.
Numerical Setup of Colliding-wind Binary Simulations
The CWB simulations are done on a three-dimensional Cartesian mesh with a resolution of 512 cells in each spatial dimension. The stars are located on the x-axis with the same distance from the center of the computational domain. The size of the numerical domain is varied with the separation d of the stars, where models with d = 720 R , d = 1440 R , and d = 2880 R are investigated for which we use an extent of −500 . . . 500, −1000 . . . 1000, and −2000 . . . 2000 R of the numerical domain, respectively. On all boundaries simple extrapolation is used since the flow is supersonic at the boundaries even inside the WCR.
The simulations are initialized by mapping the reference solutions from the near-star simulation models onto the coarser numerical mesh of the large-scale simulations. The hypothetical position of the WCR is computed from the parameters of the undisturbed hydrodynamical winds. By this the domain is subdivided into two-parts (see also Reitberger et al. 2014b) . In each part the wind is initialized from the values of the respective near-star simulation. Since the scale of the CWB simulations is much larger than the one for the near-star simulations, cells outside the range of the near-star solution are filled with the values at the largest radius of the near-star solution. The wind is initialized with a temperature of 10 4 K.
After initialization the stellar winds are allowed to evolve freely. The solution from the nearstar simulations is fixed from each star's surface up to 30 R above the surface. While this prevents an effect of the other star's radiation on the wind near a star's surface, it is used as a compromise to conserve the fine-structure for the wind and the magnetic field in the vicinity of the stars. In the CWB simulations the finite disc correction factor is computed numerically.
Results

Investigated Models
In this study the binary system composition (B + WR star) as in Reitberger et al. (2014b,a) is considered with stellar parameters given in Table 1 , where orbital motion is neglected. In this study we consider nine different binary systems with the relevant system parameters given in Table 2 . We consider three systems having different stellar separations d with d = 720 R , 1440 R , and 2880 R with dipole axes of the stars along the z-direction (models A1, A2, and A3). Additionally, three models with d = 1440 R and different inclinations of the magnetic dipole axes (δ B and δ WR , respectively) are investigated (models B1, B2, and B3).
In all these simulations we used a polar magnetic field strength of 10 −2 T for both stars. Together with the wind momentum (see Table 1 ) this leads to a magnetic confinement parameter of η = 0.192 for the B star and η = 0.0048 for the WR star, respectively. Thus, a significant influence of the magnetic field on the stellar wind outflow can only be expected for the B star. This is indeed found from the near-star simulation results. Fig. 1 shows converged results for the B-star model. The influence of the magnetic field is apparent in the latitudinal dependence both of velocity and momentum density. Here, we find qualitatively similar behavior as was observed by ud-Doula and Owocki (2002) for their η = 0.1 case with a somewhat stronger deflection of the flow towards the magnetic equator in our simulations. This deflection leads to a peak of the radial mass flux density around the magnetic equator of the star. Also, in our simulations we find an increase of the wind speed above the poles of the stars (see middle panel in Fig. 1 in contrast to the terminal velocity of 4 · 10 6 m/s in the hydrodynamic case). This, together with the peak of the radial mass flux at the equator has a considerable influence on the structure of the WCR as is discussed below.
Additionally, we investigate models with polar magnetic field strengths of 5·10 −3 T, 1.5·10 −2 T, and 2 · 10 −2 T (models C1, C2, and C3). These lead to magnetic confinement parameters of η = 0.048, 0.432, and 0.768 for the B star and η = 0.0012, 0.011, and 0.0192 for the WR star, respectively. These models use a stellar separation of 1440 R and an orientation of the dipole axes along the z-direction. As in the other cases, only the B star's wind is significantly affected by the presence of the magnetic field, where in the model with a polar magnetic field strength of 5 · 10 −3 T this influence is only minor. As an example, results for model A2 with a stellar separation of 1440 R are shown in Fig. 2 . Here, results are shown in a slice through the three-dimensional computational domain, spanned by the magnetic dipole axes of the stars and the line of centers between both stars. Expectedly, the structure of the WCR becomes more complex in the presence of the magnetic field: in the bottom half of the image the contact discontinuity is affected by turbulence, while in the upper half the flow in the WCR is laminar. This asymmetry between upper and lower half is remarkable since the initial simulation setup is symmetric.
In the discussion of the time evolution of the simulations, we show that this asymmetry relates to an instability in the equatorial region, i.e. to a region around the magnetic current sheet of the B star. It is related to the higher mass-loss rate in the equatorial region of the B star, which is an effect of the presence of the magnetic field as already discussed in ud-Doula and Owocki (2002) (see also Fig. 1 on the left ). There the current sheet has been found to be prone to oscillations even in single-star simulations, but this effect only arises for stronger magnetic fields than considered 10 −2 10 −2 10 −2 10 −2 10 −2 10 −2 5 · 10 −3 1.5 · 10 −2 2 · 10 −2 here. In the CWB systems, however, the interaction with the other star's wind seems to boost this instability leading to the asymmetry visible in Fig. 2 .
In the following discussion we show that the presence of the magnetic field leads to higher turbulence levels in the WCR than in the pure hydrodynamic case: for the models investigated here, the WCR shows a laminar flow in the hydrodynamic case, while it becomes at least partly turbulent for the highly magnetised winds. We found that the growth rate of the related instability increases for the case of the magnetised stellar winds, thus, explaining the occurrence of turbulence. For simulations showing a laminar flow in the WCR the growth rates of the instability driving the turbulence is too low to lead to a turbulent WCR. Since the growth rate for the Kelvin-Helmholtz instability rises with decreasing wavelength, e.g., also the upper half of the WCR shown in Fig. 2 will become turbulent in higher resolution simulations.
The Emergence of Asymmetry
One of the most intriguing features of the results discussed above is their apparent asymmetry along the z-axis. It is astonishing that a setup in which all initial properties and acting forces above the xy-plane are an exact mirror image of the ones below should develop such pronounced asymmetry.
To address the question of how these asymmetries emerge, Fig. 3 shows a time sequence for setup A2 leading up to the results shown in Fig. 2 . The magnetic induction and the velocity field are displayed in the xz-plane for three different time steps before convergence is reached. In the first column of Fig. 3 the WCR is still symmetrical. Apparently, the higher mass-loss rate around the magnetic equator of the B star causes a pointed nose-like feature at the apex. At this state the simulation remains stable for a fair amount of time as if feigning to have already converged.
The center column in Fig. 3 shows a state where symmetry begins to fade. Progressively the nose slides in negative z-direction and finally collapses into the remaining WCR, leaving behind the apparent asymmetry (Fig. 3, right column) . The direction into which the nose begins to slide is found to be of stochastic nature.
The instability causing the sliding of the nose appears to be of Kelvin Helmholtz (KH) type (see also Lamberts et al. 2011 , for a discussion on the occurrence of the KH instability in collidingwind binary systems). The shear velocity becomes particularly high due to the presence of the nose structure. On the one hand, the fluid on the B star's side of the contact discontinuity of the WCR comes to a near stop for a rather broad region around the magnetic current sheet. On the other hand the central peak of the WCR on the WR star's side leads to a higher velocity of the WR star's wind along the contact discontinuity.
To ensure that the KH instability can explain the observed fluctuations we ensured its nonsuppression in presence of magnetic fields. For the setup depicted in Fig. 3 at system time of 13.7 -Results for the magnetized CWB simulation for setup A2 for the magnetic induction (top) and the velocity (bottom) in the xz-plane at three different time steps. These correspond to a physical system time of 13.7, 17.2 and 20.6 days after the start of the simulation. The "converged" result in Figure 2 shows a time of 27.5 days after initiation. Both stars have a polar magnetic field strength of 0.01 T. In each case the absolute value is shown. For the magnetic induction we also show the vector direction. The entire time sequence is available as an animation in the electronic edition of the Astrophysical Journal. days we computed the ratio:
at the contact discontinuity where the presence of the magnetic field can suppress the KH instability for ξ < 1 (see Chandrasekhar 1961) . Here indexes r and l indicate density ρ and velocity v on the right and left of the contact discontinuity, respectively. Up to ∼400 R above the line of centers between the stars, however, ξ is several orders of magnitude larger than unity.
Correspondingly, we did a quantitative analysis of the growth rate for the KH instability. The growth rate is particularly large around the region of the nose feature -up to about 250R above and below the line of centers between both stars. There, the growth timescale for fluctuations of a wavelength λ = 100R can be nearly as small as a tenth of a day. With the timescale for a fluid element to propagate through this strongly unstable region being longer than a day the KH instability works sufficiently rapid to allow for flipping of the nose structure and the occurrence of fluctuations in the outer parts of the WCR. This also shows that the presence of the magnetic field leads to a more unstable contact discontinuity as compared to the hydrodynamic case. Once flipping of the nose structure happend, the growth rate of the KH instability decreases approximately by a factor of four, but is still largest in the central part of the WCR. The observations for the time evolution and for the structure of the WCR remain valid also for the simulations with different stellar separations. This is illustrated in Fig. 4 , where we show results for model A1 and A3 with stellar separations of 720 R and 2880 R , respectively. In both cases the contact discontinuity in the WCR remains unstable in the direction of the flipped nose structure. Expectedly, the magnetic-field strength within the WCR decreases with increasing stellar separation. The Alfvén speed, however, is very similar in all cases. Additionally, the region, where the shock is quasi parallel around the line of centers between the stars becomes larger with growing stellar separation. Implications of this are further discussed in Sec. 3.7.
Models for Different Separations of the Stars
The impact of turbulence increases with growing stellar separation despite the use of the same number of grid points for models A1, A2, and A3. For the largest stellar separation -model A3 -the turbulence becomes sufficiently strong to also have a distinct impact on the shocks (see Fig. 4 on the right). The increasing impact of turbulence with larger stellar separation can be understood by a close investigation of the evolution of KH-driven turbulence in our numerical code. In a numerical model the evolution of turbulence in the WCR is determined by three competing effects: first, turbulence is driven by the KH instability, for which the growth rate Γ KH ∝ λ −1 , where λ is the wavelength of the instability. Secondly, fluctuations are damped by numerical viscosity. Thirdly, whether turbulent fluctuations can be observed also depends on the time available for the growth of the fluctuations before the fluctuations are advected out of the the numerical domain.
We closely investigated the growth of the KH instability in the initial phase leading to the tilting of the nose structure. The growth of the instability is fastest in the region close to the line of centers between both stars, because there the change in flow speed ∆u when passing the contact discontinuity is largest, with Γ KH ∝ ∆u. As discussed in the previous section, this is related to the outward bulge of the WCR caused by the presence of the magnetic field. Beyond that the growth rate of the KH instability decreases nearly by an order of magnitude. Therefore, fluctuations of a certain wavelength only occur in the simulations when the growth timescale is significantly shorter than the time it takes for the fluctuations to be advected out of the strongly unstable region.
For our standard setup -model A2 -damping by numerical viscosity is on the same order as Γ KH for fluctuations with λ 50R (Here, we estimated the numerical damping rate by simulations of a decaying shear flow as discussed in Ryu and Goodman 1994) . Therefore, only longer-wavelength fluctuations can efficiently be driven by the KH instability. Due to Γ KH ∝ λ −1 long wavelength fluctuations grow ever more slowly, rendering the growth rate for λ > 200R too slow to lead to significant disturbances in the available time.
This also means that for models A1 and A3 fluctuations with λ > 100R and with λ > 400R , respectively, are suppressed because of the finite time available for the growth of the fluctuations. Numerical dissipation approximately goes like Γ damp ∝ λ −1 N −2 in our simulations where N is the number of cells covering a length scale λ. This also reveals why the large-scale simulations are more turbulent: for instance we cover a λ = 200R region in model A3 with the same number of cells as a λ = 100R region in model A2, but due to the larger spatial extent the damping rate is smaller by a factor of 2 in model A3. Thus, a larger range of wavelengths is unstable in model A3, which is evident in Fig. 4 . This situation would be more severe if all simulations would have been done with the same cell size. In this case, fluctuations in model A1 would be suppressed entirely, while model A3 would have shown a very wide range of unstable wavelengths with the driving most efficient at smallest scales due to Γ KH ∝ λ −1 . This also implies that future higher-resolution simulations will reveal a wider range of turbulence.
Impact of Inclined Dipole Axes
A perpendicular orientation of the line of centers (connecting the stars) and the magnetic field axes (as it has been assumed in our simulations so far), is merely a special case amongst a wider field of possible configurations. In Figure 5 we explore what happens when the magnetic dipole axes of the stars are inclined with respect to the z-direction, within the xz-plane. The polar magnetic fields are kept constant at 0.01 T. The first column shows results for model B1, in which the magnetic field of the B star is inclined by an angle δ B = 5 • . The WCR converges to a smooth state without noticeable instabilities along the contact discontinuity. Due to the initial asymmetry in this case, no nose-like feature emerges, not even as a transitionaory state. The gap at the apex of the WCR is wider and deeper than in the case of dipole axes along the z-direction. With the absence of the nose-like structure, the contact discontinuity also does not become turbulent in these simulations. This shows that even such a small inclination of the dipole axis is enough to cause a very different structure of the WCR. Here, the region of higher mass-loss rate is shifted sufficiently far from the equatorial region that instead of a forming nose-like structure the region of higher mass loss is advected upwards without forming an equatorial peak. Without this peak-like displacement of the WCR the relative velocity of the flow on both sides of the contact discontinuity near the line of centres becomes much smaller. Therefore, the growth rate of the KH instability decreases, thus explaining the absence of turbulence. In this case a turbulent WCR can in this case only be recovered by higher-resolution simulations.
For simulation B2 displayed in the central column of Fig. 5 , the dipole axis of the WR star was inclined by δ B = 30 • with the dipole axis of the B star along the z-direction. Comparing this to the case of Figure 2 , no substantial effect of this inclined dipole of the WR star can be seenexcept that now the nose flipped by chance towards negative z direction. The absence of a larger effect on the WCR is not surprising since a polar magnetic field of 0.01 T is still too small to cause noticeable anisotropies in the wind of the WR star. Accordingly, the observed instability is not due to some magnetic interaction of the current sheets of both stars but is rather a consequence of the higher radial mass flux in the equatorial region of the B star.
The dipole fields of both stars have been inclined in simulation B3 displayed in the third column of Fig. 5 . They are inclined by δ B = 30 • and δ WR = −40 • . It is predominately the inclination of the B star's magnetic field which causes the noticeable difference to the simulation without inclination. Like in setup B1 with the small inclination of the B star's dipole axis (left column in Fig. 5 ), the nose structure and the ensuing turbulence do not appear in this case. This shows that the emergence of the nose structure and the effects of the turbulence investigated in the previous sections are related to a special situation where the region of higher mass-loss rate coincides with the direction to the other star. The structure of the WCR is very sensitive to the specific orientation of the stellar dipoles.
Variation in Polar Magnetic Field Strength
The distinct impact of the stellar magnetic dipole field on the structure and properties of the WCR as discussed above raises the question how this changes with varying magnetic field strength. Figure 6 shows our results for simulations C1, C2, and C3 in which the polar magnetic field strength of both stars is 0.005 T, 0.015 T, and 0.02 T. These lead to magnetic confinement parameters for the B star's wind of η = 0.048, 0.432, and 0.768, respectively. Simulations for the former two have been performed with a resolution of 512 3 . Model C3 requires higher spatial resolution, owing to the very thin region of enhanced mass-loss rate at the magnetic equator. It was calculated on a grid of dimensions 1024 2 × 128.
Comparing the respective results to each other, as well as to the previously discussed case of η = 0.192 for the B star's wind reveals intriguing insights into the delicate dependence of the WCR on the magnetic field environment as shown by the following discussion of the structure of the WCR.
For η = 0.048 the shape of the resulting WCR very much resembles our findings in earlier purely hydrodynamic simulations (see Reitberger et al. 2014b , Fig. 1 ). The magnetic field of the B star and the anisotropies in density and velocity it causes are yet too small to lead to a noticeable deformation of the WCR. As detailed above, this changes for η = 0.192 and even more so for η = 0.432 where the well collimated beam of high density material in the B wind also causes the emergence of the nose-like feature as in Figure 3 . For the case of a very high polar magnetic field of 0.02 T the nose feature only appears for the higher-resolution grid. This is because the region of higher mass-loss rate is even more sharply collimated around the equator in this case. In this case the strong collimation starts nearer to the star than in the cases of a weaker magnetic field. Actually for the standard near-star simulation setup the region of increased mass-loss rate is still underresolved as was to be expected since the magnetic confinement factor is near unity. Therefore, the near-star simulation was done with double resolution in the θ-direction. In that case we find the region of increased mass-loss rate confined to a region ∼2.5 R above and below the equator at the outer edge of the fixed region of the B star at 40 R .
Keeping in mind that the standard setup for the colliding-wind binary simulation uses 512 cells to cover the range from -1000 R to 1000 R leading to a cell size of ∼3.9 R shows why in this case also the colliding-wind binary simulation had to be done using higher spatial resolution, as noted above. In this case we, again, find the nose-like feature leading to a turbulent contact discontinuity. This also shows that setups with η > 1 for one of the stars would require considerably higher-resolution simulations.
Another feature that becomes apparent in Figure 6 is the significant difference in the downstream speed of the shocked gases in the WCR for higher field strengths. There is not much difference between downstream speeds on both sides of the WCR in model C1 with B polar = 0.005 T. For B polar = 0.015 T and B polar = 0.02 T, however, the increased stellar wind velocity towards the magnetic poles of the B star leads to distinctively higher velocities in the outer wings of the WCR towards the B star -about a factor of 2 higher than in the wing towards the WR star. This reflects the impact of the stellar magnetic field on the wind acceleration for the B star. As discussed in section Sec. 3.1 both the latitudinal structure and the terminal velocity of the stellar wind are altered in presence of magnetic fields. In consequence, velocities on both sides of the shock discontinuity vary drastically. Change in structure of the WCR is therefore a manifestation of the presence of magnetic fields in realistic CWB simulations.
Finally, we observe that for the case of 0.02 T, wind anisotropy is now also clearly visible in the undisturbed wind around the WR star (lower right panel in Fig. 6 ).
Outlook: Impact on Particle Acceleration
The variation in the strength of the magnetic field within the WCR -especially for models with different stellar separations -in conjunction with the shock geometry relative to the magnetic field also has important implications for particle acceleration. In this context the distinction between parallel and perpendicular shocks is made, referring to the relative direction of the shock normal and the magnetic field direction.
While most of the classic work on diffusive shock acceleration focused on particle acceleration at parallel shocks (see, e.g., Axford et al. 1977; Krymskii 1977; Bell 1978; Blandford and Ostriker 1978) -with the notable exception of Schatzman (1963) -more recent studies also address the acceleration capability of perpendicular shocks (see, e.g. Ostrowski 1988; Ellison et al. 1995; Takamoto and Kirk 2015) . Apart from that, numerical studies show that also the dynamical evolution of the shock geometry may become important for the particle acceleration efficiency (see, e.g., Sandroos and Vainio 2006; Pomoell et al. 2011) . While this indicates that our understanding of diffusive shock acceleration theory is not complete yet, it also underlines the importance of the shock geometry for particle acceleration.
The previously discussed models allow an analysis of this shock geometry for both shocks of the WCR. We investigated the relative direction of the magnetic field and the shock normal upstream and downstream of each of the shocks for models A1, A2, and A3. In our simulations the shocks are sufficiently far from the stars that the magnetic field approximately points along the flow direction in the upstream direction of each shock. Thus, the region showing a quasi-parallel shock grows with stellar separation.
In our analysis, we identify the shock position from the velocity gradient: the centre cell of the shock is given as the position, where the velocity gradient is smallest. The shock normal is identified from the temperature gradient. The magnetic field angle is then computed as the local angle between the computed shock normal direction and the magnetic field at a position of 3∆x along the direction of the shock normal, both in the upstream and downstream direction. Results are shown in Fig. 7 for models A1 and A3, where the angles were computed both upand downstream of the B and the WR star's shock, i.e. the shocks located closer to the respective star. The region, where the shock is quasi parallel is larger for the shock induced by the B star's wind in all models, because of the curvature of the WCR. Due to the increase in the perpendicular component of the magnetic field downstream of the shock, the related magnetic-field angle is always larger than the upstream one.
An exception to this is the peak near the xy-plane visible for the B star's shock. This is related to the flipped nose structure that results in a shock normal that deviates significantly from the x direction in the xy-plane. An additional analysis of the setup with inclined dipole axes for both stars, shows that the overall structure remains rather similar to the initial setup. Only the peak is shifted according to the direction of the magnetic equator. Thus, the overall effect of a tilted dipole on the acceleration efficiency should be rather small. In that context the suppression of the turbulence within the WCR will probably prove to be more important.
As was to be expected, models with a bigger stellar separation lead to a correspondingly larger region, where the shocks are quasi-parallel. This possible effect on the acceleration efficiency of each shock comes in addition to the difference in possible energy losses for the particles that are reduced with increasing separation of the stars. In this regard a correct description is of particular importance for the synchrotron losses. A consistent description of the magnetic field is required especially for the energy losses and the acceleration efficiency of the energetic particles in a CWB.
For higher resolution simulations the WCR can be expected to show stronger turbulence at small spatial scales. As is already hinted at by model A3, this can lead to localized and dynamical changes in the direction of the shock fronts bounding the WCR. Especially, this dynamical behavior of the shocks might have relevant implications for particle acceleration and limits the application for particle acceleration in post-processing. In such a case particle acceleration should be simulated together with the fluid-dynamical simulation of such systems, e.g., in Reitberger et al. (2014b) .
Conclusion
In this study we detailed a numerical method for the investigation of colliding-wind binary systems that are subject to sufficiently strong stellar magnetic fields such that the structure of the stellar wind outflows is clearly affected by the presence of these fields. Our method is a multi-step process, where we first make sure that the wind acceleration near the stellar surface is consistently simulated by performing near-star simulations for each star individually. These simulations are then injected into a large-scale simulation of the colliding-wind binary system. For the magnetic field strengths investigated in this paper we found a significant impact on the structure of the WCR when the polar field strengths of the B star yields a magnetic confinement parameter η > 0.1. For stronger fields a nose-like structure emerges at the WCR connected to the higher mass-loss rate near the magnetic equator of the B star. This nose structure -that becomes ever sharper with increasing strength of the surface magnetic field of the B star -is unstable and decays, leaving one side of the WCR in a turbulent state. Apparently, this affects mainly the contact discontinuity, leaving the shock fronts mostly undisturbed -at least for the simulations with stellar separation smaller than 2880 R . This disturbance only becomes relevant, when the dipole axis of the B-star is normal to the line of centers between the stars. Thus, the specific setups of the dipole axes are very important for the structure of the WCR. Together with the dynamics of such a system, this might lead to WCRs becoming more turbulent during short episodes of the stellar orbit.
In this study we only investigated a limited amount of configurations. Especially for magnetic fields near or even exceeding a magnetic confinement parameter η ≥ 1, considerably higher spatial resolution will be necessary to be able to study the impact of the ever thinner region with increased mass loss around the magnetic equator. Thus, the present study is only a starting point showing that the impact of the presence of the magnetic field is very relevant and should be taken into account in future investigations.
Apart from the impact of the magnetic field on the structure of the WCR also the direction of the magnetic field relative to the shock fronts is relevant for particle acceleration. We show the first analysis of the obliqueness of the shocks in the WCR. The most important parameter in this context is the stellar separation, where in our model an increasing separation leads to a larger region where the shock is quasi parallel. However, stronger turbulence in the WCR can also have an effect on the shock-fronts possibly leading to very localized and dynamical changes in shock obliqueness. This might only be revealed in higher-resolution simulations. Such an analysis of the shock obliqueness allows for a consideration of different acceleration efficiencies in future simulations of particle acceleration in magnetized colliding-wind binaries. This also shows the importance of a correct treatment of the magnetic field in the interpretation of observed high-energy emission patterns from these binary systems.
